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ABSTRACT
We report the results of a 28-month photometric campaign studying V1432 Aql, the only
known eclipsing, asynchronous polar. Our data show that both the residual eclipse flux and
eclipse O−C timings vary strongly as a function of the spin-orbit beat period. Relying upon
a new model of the system, we show that cyclical changes in the location of the threading
region along the ballistic trajectory of the accretion stream could produce both effects. This
model predicts that the threading radius is variable, in contrast to previous studies which
have assumed a constant threading radius. Additionally, we identify a very strong photometric
maximum which is only visible for half of the beat cycle. The exact cause of this maximum is
unclear, but we consider the possibility that it is the optical counterpart of the third accreting
polecap proposed by Rana et al. Finally, the rate of change of the white dwarf’s spin period
is consistent with it being proportional to the difference between the spin and orbital periods,
implying that the spin period is approaching the orbital period asymptotically.

Key words: accretion, accretion discs – stars: individual: V1432 Aql – stars: individual:
RX J1940.1-1025 – stars: magnetic field – novae, cataclysmic variables – white dwarfs.

1 IN T RO D U C T I O N

Cataclysmic variables (CVs) are interacting binary systems in which
a low-mass star – usually a red dwarf – overfills its Roche lobe and
transfers mass on to a white dwarf (WD). Warner (1995) and Hellier
(2001) offer excellent overviews of these intriguing systems. In a
subset of CVs known as polars, the exceptionally strong magnetic
field (∼ tens of MG) of the WD synchronizes the WD’s spin pe-
riod with the orbital period of the binary (see Cropper 1990 for a
comprehensive review of polars specifically). The accretion stream
from the secondary star follows a ballistic trajectory towards the
WD until the magnetic pressure matches the stream’s ram pressure.
When this occurs, a threading region forms in which the accretion
stream couples on to the WD’s magnetic field lines, and the cap-

� E-mail: clittlef@alumni.nd.edu (CL); koji.mukai@nasa.gov (KM)

tured material is then channelled on to one or more accretion regions
near the WD’s magnetic poles. The impact of the stream creates a
shock in which the plasma is heated to X-ray-emitting temperatures,
so polars can be significantly brighter in X-ray wavelengths than
ordinary non-magnetic CVs. In addition to X-rays, the accretion
region produces polarized cyclotron emission in the optical and in
the infrared, the detection of which is a defining characteristic of
polars.

Eclipses of the WD have provided great insight into polars. Be-
cause a polar has no accretion disc, an eclipsing polar will gener-
ally exhibit a two-step eclipse: a very sharp eclipse of the compact
(∼ WD radius) cyclotron-emitting region, followed by a much more
gradual eclipse of the extended accretion stream (see e.g. Harrop-
Allin et al. 1999 for an eclipse-mapping study of HU Aqr). When
the accretion rate is high, the WD photosphere makes only a modest
contribution to the overall optical flux, overshadowed by the two
accretion-powered components mentioned above.
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Eclipsing polars also make it possible to determine the orientation
of the magnetic axis with respect to the secondary. In HU Aqr, the
orientation of the dominant magnetic pole leads the line of centres
of the binary by about 45◦ (Harrop-Allin et al. 1999), while in DP
Leo, another eclipsing polar, the equilibrium orientation leads the
line of centres by 7◦ ± 3◦ but with a long-term oscillation with an
amplitude of ∼25◦ (Beuermann et al. 2014).

In at least four polars,1 the WD’s spin period differs from the
orbital period by as much as several per cent. In these asynchronous
polars, the WD’s magnetic field is gradually synchronizing the spin
period with the orbital period on time-scales of centuries. For ex-
ample, Schmidt & Stockman (1991) detected a derivative in the
WD spin period in V1500 Cyg and estimated that the system would
approach resynchronization about 150 years after the publication of
their study.

Because the prototype asynchronous polar, V1500 Cyg, was al-
most certainly desynchronized during its 1975 nova eruption, the
canonical view is that these systems are byproducts of nova erup-
tions which break the synchronous rotation by causing the primary
to lose mass and to interact with the secondary (Stockman, Schmidt
& Lamb 1988). However, Warner (2002) combined the fraction
of asynchronous systems among all known polars with their esti-
mated synchronization time-scales and estimated an unexpectedly
short nova recurrence time of a few thousand years for polars – far
more rapid than the expected recurrence time of ∼1 × 105 yr. Every
aspect of Warner’s deduction ought to be explored, including the
possibility of an additional channel for desynchronizing polars, se-
lection effects that might alter the fraction of asynchronous polars,
and methods of calculating the synchronization time-scale.

Interestingly, in each of the four confirmed asynchronous po-
lars, the threading process is inefficient in comparison to fully syn-
chronous systems. In synchronous systems, the accretion stream
is fully captured not long after it leaves the L1 point, well be-
fore it can travel around the WD (e.g. Schwope, Mantel & Horne
1997). In none of the asynchronous systems is this efficient thread-
ing seen. For example, Doppler tomography by Schwope (2001)
of V1432 Aql showed an azimuthally extended accretion curtain,
a finding which is possible only if the accretion stream can travel
significantly around the WD. X-ray observations of V1432 Aql also
indicate that the accretion stream travels most of the way around the
WD before it is fully threaded on to the magnetic field lines (Mukai
et al. 2003). Likewise, in the other three systems, there is mounting
evidence that the accretion flow can significantly extend around the
WD. In CD Ind, the accretion stream appears to thread on to the
same magnetic field line throughout the beat cycle, requiring that
the stream be able to travel around the WD (Ramsay et al. 1999).
With regard to V1500 Cyg, Schmidt & Stockman (1991) argued
that the smooth sinusoidal variation of the polarization curve was
consistent with the infalling stream forming a thin accretion ring
around the WD. More recently, Litvinchova, Pavlenko & Shugarov
(2011) detected evidence that this accretion ring is fragmented, peri-
odically reducing the irradiation of the donor star by the hot WD. In
the remaining system, BY Cam, Doppler tomograms show that the
accretion curtain extends over ∼180◦ in azimuth around the WD,
requiring a similar extent of the accretion stream (Schwarz et al.

1 In addition to the subject of this study (V1432 Aql), three other polars are
incontrovertibly asynchronous: BY Cam, V1500 Cyg, and CD Ind. At the
time of writing, there are at least two candidate systems: V4633 Sgr (Lipkin
& Leibowitz 2008) and CP Pup (Bianchini et al. 2012).

2005). Although a sample size of four is small, it is remarkable that
in each of the confirmed asynchronous polars, the threading process
is so inefficient that the accretion stream can travel much of the way
around the WD.

2 V 1 4 3 2 AQ L

V1432 Aql (= RX J1940.1-1025) is the only known eclipsing, asyn-
chronous polar and was identified as such by Patterson et al. (1995)
and Friedrich et al. (1996). There are two stable periodicities in
optical photometry of V1432 Aql. The first (12 116 s) is the orbital
period, which is easily measured from the timings of the eclipses
of the WD by the secondary. Initially, the nature of the eclipses
was unclear; Patterson et al. (1995) argued that the secondary was
the occulting body, but Watson et al. (1995) contended that a dense
portion of the accretion stream was the culprit. Much of the confu-
sion was attributable to the presence of residual emission lines and
X-rays throughout the eclipses, as well as the variable eclipse depth.
Since X-rays in polars originate on or just above the WD’s surface,
the apparent X-ray signal throughout the eclipse was inconsistent
with occultations by the donor star. Additionally, there was consid-
erable scatter in the eclipse timings, and the system’s eclipse light
curves did not show the rapid ingresses and egresses characteristic
of synchronous polars (Watson et al. 1995). However, Mukai et al.
(2003) resolved the dispute with high-quality X-ray observations
which showed that the donor actually eclipses the WD and that the
residual X-ray flux previously attributed to V1432 Aql was actually
contamination from a nearby Seyfert galaxy.

The second periodicity (∼12 150 s) is the spin modulation of
the WD. In optical photometry, this periodicity manifests itself in
several ways. In particular, at φsp = 0.0, the WD is occulted by
material accreting on to one of the magnetic poles, producing a
broad ‘spin minimum’ (Friedrich et al. 1996). Analyses of the spin
minima have revealed several fascinating insights into V1432 Aql.
For example, Geckeler & Staubert (1997) undertook an O−C study
of the timing residuals of the spin minima and managed to detect
a decrease in the WD spin period, indicating that the system is
resynchronizing itself. They also measured a cyclical variation in
the timings of the spin minima, caused by (1) a longitudinal offset
between the magnetic pole and its corresponding accretion region
on the WD’s surface and (2) the accretion stream threading on to
different magnetic field lines throughout the spin-orbit beat period
(P −1

beat = |P −1
orb − P −1

sp |). Using these timings and a dipole accretion
model, the authors managed to constrain the combined effect of the
threading radius and the colatitude of the magnetic axis on the WD,
but they could not constrain these parameters individually. Staubert
et al. (2003) applied the methodology of Geckeler & Staubert (1997)
to a larger data set and refined the results of the earlier paper.

A critical concept which emerges from the literature is the beat
period between the spin and orbital periods. The beat period is
simply the amount of time that it takes for the WD (and its magnetic
field) to rotate once as seen from the perspective of the donor star.
As Geckeler & Staubert (1997) first demonstrated, the accretion
stream will interact with different magnetic field lines as the system
progresses through its beat period, a foundational principle which
informs our analysis throughout this paper.

V1432 Aql is especially suitable for long-term study because
its long-term brightness has remained constant not only in our own
observations but also in data from the American Association of Vari-
able Star Observers dating back to 2002 (Kafka 2015). Similarly,
the Catalina Real-Time Transient Survey (Drake et al. 2009) does

MNRAS 449, 3107–3120 (2015)

 at N
A

SA
 G

oddard Space Flight C
tr on N

ovem
ber 17, 2015

http://m
nras.oxfordjournals.org/

D
ow

nloaded from
 

http://mnras.oxfordjournals.org/


Periodic eclipse variations in V1432 Aql 3109

not show any low states in the system since coverage of V1432
Aql began in 2005. While many polars alternate unpredictably
between bright and faint states due to changes in the mass-transfer
rate, V1432 Aql has not been observed to do so.

We supplement these previous studies by reporting the detection
of stable periodicities in both the residual eclipse flux and the O−C
timing residuals of the eclipses. These phenomena occur at the
beat period, and we use a model to show that our observations are
consistent with a threading radius whose position with respect to
the WD varies throughout the beat cycle.

In response to this study’s observational findings, one of us (DB)
followed up by analysing a different set of observations obtained by
the Center for Backyard Astrophysics (Patterson 2012) over a much
longer timespan. His group’s analysis provides confirmation of the
residual-flux and timing variations described in this paper while
also reporting additional beat-cycle-related phenomena (Boyd et al.
2014).

3 O BSERVATIONS

As part of a 28-month effort to study V1432 Aql’s behaviour at
different beat phases, six of us (CL, RM, RC, KCM, TC, and DS)
obtained unfiltered, time-resolved photometry using the University
of Notre Dame’s 28-cm Schmidt–Cassegrain telescope and SBIG
ST-8XME CCD camera between 2012 July and 2014 July. The
exposure time was 30 s for each individual image, with an over-
head time of 8 s per image. A total of 76 light curves, consisting
of over 17 500 individual measurements, were obtained with this
instrument. These observations constitute the bulk of our data set,
and their uniformity avoids the introduction of errors caused by
combining unfiltered observations from different telescope–CCD
combinations. Because of their homogeneity, we use these data for
all three parts of our analysis: studying the eclipse O−C variations,
measuring the mid-eclipse magnitude, and for constructing phase
plots of the system at different beat phases.

We also obtained a number of light curves with other telescopes,
but since these instruments have different spectral responses, we
only used this supplemental data to explore eclipse O−C variations.
CL obtained four unfiltered time series in 2014 July using the Uni-
versity of Notre Dame’s 80-cm Sarah L. Krizmanich Telescope and
two more with Wesleyan University’s 60-cm Perkin Telescope in
2014 September. The data obtained with the Krizmanich and Perkin
Telescopes have much higher time resolution (exposure times be-
tween 5 and 7 s, each with a ∼3-s readout time, for a total cadence
of 10 s or less), facilitating the study of the rapid variability during
the eclipses. In addition, MC, JU, DB, and LM respectively used a
40-cm Schmidt–Cassegrain and QSI-516 CCD camera with a John-
son V filter, a 23-cm Schmidt–Cassegrain and QSI-583ws CCD
camera, a 25-cm Newtonian with an unfiltered SXV-H9 CCD cam-
era, and a 28-cm Schmidt–Cassegrain equipped with an STT-1603
CCD camera. With the exception of LM, who used 45-s exposures,
each of them used an exposure time of 60 s.

To compensate for light-travel delays caused by Earth’s orbital
motion, the timestamp for each observation was corrected to the
BJD (TDB) standard (Eastman, Siverd & Gaudi 2010).

With unfiltered photometry of a CV, it is possible to infer the ap-
proximate V-band magnitude of the CV by selecting a same-colour
comparison star and using its V magnitude when calculating the
magnitude of the CV. Since polars tend to be quite blue, we relied
upon AAVSO field photometry to select two relatively comparison

Figure 1. Two representative eclipses of V1432 Aql. The data represented
in black were obtained at φbeat = 0.89, and the data in grey at φbeat = 0.54.
The solid lines are the best-fitting polynomials for each data set. The polyno-
mials satisfactorily model the asymmetric eclipses while smoothing noisy,
possibly spurious features in the light curves.

blue stars;2 we utilized these comparison stars for all photometry
used in the analyses of mid-eclipse magnitude and the spin modu-
lation at different beat phases.

One of the most obvious phenomena in the photometry is the
highly variable magnitude of the system at mid-eclipse, which
ranges from V ∼ 16.0 to ∼17.5. Different eclipses also displayed
strikingly different morphologies, and in Fig. 1, we plot two eclipses
which are representative of this variation. Such behaviour is plainly
at odds with normal eclipsing polars, which almost invariably have
very abrupt ingresses and egresses since most of the flux origi-
nates in a small – and thus rapidly eclipsed – area on the WD
(e.g. Harrop-Allin et al. 1999). V1432 Aql’s gradual ingresses and
egresses indicate that its flux originates in an extended region, and
in this regard, its eclipses bear a superficial resemblance to those of
CVs with accretion discs.

We measured both the time of minimum eclipse flux and the
magnitude at mid-eclipse by fitting a fifth-order polynomial to each
eclipse (see Table 1). Fig. 1 demonstrates the adequacy of the fit
by plotting two eclipse light curves, each fitted with a fifth-order
polynomial. Since the system’s eclipses are frequently asymmetric,
the time of minimum flux is not necessarily the mid-point between
ingress and egress. Indeed, several eclipses were W-shaped, with
two distinct minima. For these eclipses, we report the time of the
deepest minimum. One particularly remarkable eclipse, observed
on JD 245 6843 and discussed in Section 4.2.4, had two minima of
equal depth, so we report both times.

Additionally, we detected a number of spin minima. Since pre-
vious studies of the spin minima (e.g. Geckeler & Staubert 1997)
have measured the timing of each spin minimum by locating its
vertical axis of symmetry, we fit a second-order polynomial to each
spin minimum on the assumption that the minimum of this parabola

2 These stars are labelled 117 and 120 in AAVSO chart 13643GMF, and they
have B − V colours of 0.20 and 0.43, respectively, according to the APASS
photometric survey (Henden et al. 2012).
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Table 1. Observed times of minimum eclipse flux.

BJDa φbeat φsp BJD φbeat φsp

117.75353(52) 0.67 0.46 531.58818(26) 0.44 0.71
121.67928(60) 0.73 0.39 534.67318(47) 0.49 0.66
129.67477(51) 0.87 0.28 538.59720(41) 0.55 0.58
129.81416(50) 0.87 0.27 539.57897(30) 0.57 0.56
131.49702(40) 0.90 0.24 539.71935(49) 0.57 0.56
132.47891(47) 0.91 0.23 540.70141(35) 0.58 0.55
133.46253(73) 0.93 0.22 545.60953(54) 0.66 0.47
134.44280(55) 0.94 0.20 546.59071(53) 0.68 0.45
138.51071(58) 0.01 0.14 548.69482(44) 0.71 0.42
145.80112(28) 0.13 0.01 549.67629(38) 0.73 0.40
162.77047(40) 0.41 0.73 558.65164(39) 0.88 0.26
175.67045(38) 0.62 0.51 559.63391(37) 0.89 0.24
180.57845(40) 0.70 0.43 560.61564(49) 0.91 0.23
180.71866(44) 0.70 0.43 562.58006(36) 0.94 0.21
181.70019(43) 0.72 0.41 565.66515(61) 0.99 0.16
182.68111(44) 0.74 0.39 566.64823(74) 0.01 0.15
194.60329(44) 0.93 0.21 567.62862(61) 0.02 0.12
428.79371(28) 0.76 0.37 573.65832(71) 0.12 0.02
431.87824(79) 0.81 0.31 574.63842(48) 0.14 1.00
447.86614(30) 0.07 0.06 575.61915(43) 0.15 0.97
451.79366(39) 0.14 0.00 576.60209(40) 0.17 0.97
460.76848(41) 0.28 0.85 577.58372(37) 0.18 0.95
462.73257(35) 0.32 0.83 579.54661(33) 0.22 0.92
463.71538(66) 0.33 0.82 580.52958(50) 0.23 0.91
477.73569(51) 0.56 0.57 593.57155(31) 0.44 0.70
484.74744(37) 0.68 0.45 594.55383(40) 0.46 0.69
484.74771(71) 0.68 0.46 600.58074(45) 0.56 0.57
484.88740(65) 0.68 0.45 787.79453(54) 0.58 0.54
485.72961(41) 0.69 0.44 799.85494(46) 0.78 0.35
485.72974(50) 0.69 0.44 801.81835(58) 0.81 0.32
486.71075(55) 0.71 0.42 813.73962(81) 0.00 0.14
486.85131(39) 0.71 0.42 814.72096(43) 0.02 0.12
486.85137(40) 0.71 0.42 815.70217(53) 0.03 0.10
487.69245(51) 0.72 0.41 815.8433(12) 0.04 0.10
487.69267(51) 0.72 0.41 822.85472(77) 0.15 0.99
488.81394(44) 0.74 0.39 842.76944(26) 0.47 0.68
490.77791(51) 0.77 0.36 842.76957(49) 0.47 0.68
503.67970(72) 0.98 0.15 843.74858(55) 0.48 0.65
506.62498(99) 0.03 0.10 843.75227(55) 0.48 0.67
506.76450(79) 0.03 0.10 843.7524(12) 0.48 0.67
508.72870(47) 0.07 0.07 847.67489(53) 0.55 0.58
510.69232(55) 0.10 0.04 847.8138(15) 0.55 0.57
515.60006(51) 0.18 0.96 848.65653(31) 0.56 0.56
528.64310(38) 0.39 0.76 849.77851(33) 0.58 0.55
529.62302(21) 0.40 0.73 903.77121(45) 0.45 0.70
529.76522(39) 0.41 0.74 904.61311(18) 0.46 0.69
530.60621(49) 0.42 0.72 905.59470(33) 0.48 0.67

Note. a 2456000 +.

will roughly approximate the vertical axis of symmetry. While a
higher order polynomial would do a better job of modelling the
often-asymmetric spin minima, using the second-order polynomial
increases the compatibility of our timings with those presented in
other works.

We list in Table 2 the timings of all clearly detected spin minima.
A number of spin minima were ill-defined or had multiple minima
of comparable depth, and in those instances, we did not report a
timing because it was impossible to objectively identify the middle
of the spin minimum.

Table 2. Observed times of spin minima.

BJDa φbeat φorb BJD φbeat φorb

117.8317(18) 0.64 0.55 486.7913(24) 0.69 0.57
119.6574(22) 0.67 0.57 486.7925(18) 0.69 0.58
121.6249(21) 0.70 0.60 487.7752(21) 0.70 0.58
129.7710(26) 0.84 0.69 488.7581(29) 0.72 0.59
131.4553(26) 0.87 0.70 490.7272(15) 0.75 0.63
132.4406(31) 0.88 0.73 528.6812(16) 0.37 0.28
162.6717(14) 0.38 0.3 534.7212(18) 0.47 0.35
175.6023(18) 0.59 0.51 539.6384(12) 0.55 0.41
180.6599(21) 0.68 0.57 540.6261(45) 0.57 0.46
181.6459(22) 0.69 0.61 546.6710(19) 0.66 0.56
182.6293(23) 0.71 0.62 549.6188(16) 0.71 0.58
194.5668(21) 0.90 0.74 558.6081(23) 0.86 0.69
431.8292(22) 0.79 0.64 560.5729(23) 0.89 0.70
484.6855(25) 0.65 0.55 593.6136(18) 0.43 0.31
484.8263(22) 0.66 0.55 594.5979(16) 0.44 0.32
485.6698(17) 0.67 0.57 607.5310(19) 0.65 0.55
485.8085(21) 0.67 0.56

Note. a 2456000+.

4 A NA LY SIS

4.1 Orbital, spin, and beat ephemerides

We used χ2 minimization to determine the best-fitting ephemerides
for the spin and orbital periods using our data in conjunction with
the published optical eclipse and spin-minima timings in Patterson
et al. (1995), Geckeler & Staubert (1997), Staubert et al. (2003),
and Mukai et al. (2003). Some of the timings from these studies
lacked uncertainties; for those observations, we adopted the aver-
age uncertainty of all measurements which did have error estimates.
Furthermore, both Andronov, Baklanov & Burwitz (2006) and
Bonnardeau (2012) have made their photometry of V1432 Aql avail-
able electronically, and while their time resolution was too low for
inclusion in our eclipse analysis, it was adequate for measuring the
spin minima. In the interest of uniformity of analysis, we measured
the spin minima in the Andronov et al. (2006) and Bonnardeau
(2012) data sets ourselves instead of using their published timings.3

4.1.1 Orbital ephemeris

The best-fitting linear eclipse ephemeris is

Tecl[HJD] = T0,ecl + PorbEecl, (1)

with T0, ecl = 2454 289.513 52 ± 0.000 04 and
Porb = 0.140 234 7644 ± 0.000 000 0018 d. Even though our
timestamps use the BJD standard, we report our epochs using
the slightly less accurate HJD standard because the previously
published data use HJD. We find no evidence of a period derivative
in the orbital ephemeris, but both Bonnardeau (2012) and Boyd
et al. (2014) have reported quadratic orbital ephemerides. The latter
paper had a larger data set than the one used in this study, so our
non-detection of an orbital period derivative does not necessarily
contradict those claims.

3 The original preprint of this paper used the timings reported in Bonnardeau
(2012) without reanalyzing their photometry. Using our timing measure-
ments of their spin minima resulted in a significantly lower values of values
of χ2

red for our spin ephemerides in Section 4.1.2.
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4.1.2 Spin ephemeris

The spin ephemeris of Bonnardeau (2012) fits our data very well,
and we offer only a modestly refined cubic spin ephemeris of

Tmin,sp[HJD] = T0,sp + Psp,0Esp + Ṗ

2
E2

sp + P̈

6
E3

sp, (2)

where Tmin is the mid-point of the spin minimum,
T0, sp = 2449 638.3278(±0.001), Psp,0 = 0.140 628 35
(±0.000 000 22) d, Ṗ /2 = −8.10(±0.10) × 10−10 d cycle−2,
and P̈ /6 = −8.5(±1.4) × 10−16 d cycle−3. The uncertainties on
these parameters were determined by bootstrapping the data. We
do not have enough observations to meaningfully search for higher
order period derivatives like those reported by Boyd et al. (2014),
but these values are within the error bounds of those reported by
Bonnardeau (2012).

While a polynomial fit accurately models the existing data, Psp

will likely approach Porb asymptotically over the synchronization
time-scale (P. Garnavich, private communication). If this is correct,
then Ṗ is probably proportional to the difference between Psp and
Porb so that

Ṗ ≡ dPsp

dEsp
= k(Psp − Porb). (3)

Integrating the solution to this differential equation yields an
ephemeris of

Tmin,sp = Psp,0 − Porb

k
(ekEsp − 1) + PorbEsp + T0,sp, (4)

where Porb is the measured value and the three free parameters
are k = −4.205(±0.008) × 10−6 cycles−1, Psp, 0 = 0.140 628 63
(±0.000 000 08) d, and T0, sp = 2449 638.3277(±0.0010).

Although χ2
red = 2.9 for both the cubic ephemeris and the expo-

nential ephemeris, both of these ephemerides neglect the cyclical
shifts in the location of the accretion spot first reported by Geckeler
& Staubert (1997). To illustrate the effect of these variations on the
quality of our fit, Fig. 2 plots the residuals from the cubic ephemeris
as a function of beat phase. Because this particular variation is not
an actual change in the spin period, we did not attempt to incor-
porate it into our ephemerides. Unless a spin ephemeris were to

Figure 2. O−C timing residuals for the spin minima as a function of φbeat.
The black data set represents the new timings which we report in Table 2,
while the grey data points are from previously published studies as described
in the text. The data are repeated for clarity. Our lack of timings from
0.0 < φbeat < 0.5 is a consequence of the weakness of the spin minima
during this half of the beat cycle.

take into account these variations and their ∼1000-s peak-to-peak
amplitude, it would be difficult to achieve a significantly lower χ2

red.
With this caveat in mind, the comparable values of χ2

red for each
ephemeris lead us to conclude that they model the data equally
well as could be expected. Though we use the cubic ephemeris
for the sake of simplicity when calculating the beat phase, the
exponential spin ephemeris is at least grounded in a physical theory
of the resynchronization process. Moreover, in principle, the only
parameter which should need to be updated in the future is the
constant k. By contrast, a polynomial ephemeris could require an
ungainly number of terms in order to attain a satisfactory fit.

4.1.3 Beat ephemeris

Because there are several non-trivial steps in calculating the sys-
tem’s beat phase, the beat ephemeris is too unwieldy to list here.
Nevertheless, to facilitate future studies, we have written a PYTHON

script which calculates the system’s beat phase at a user-specified
Heliocentric Julian Date using the procedure outlined in Appendix
A. Additionally, it calculates future dates at which the system will
reach a user-specified beat phase. The script works best in version
3.4 of PYTHON, but it has been tested successfully in version 2.7. This
script is available for download as supplemental online material and
may also be obtained via e-mail from CL.

4.1.4 Synchronization time-scale

As defined by Schmidt & Stockman (1991), a first-order approx-
imation of an asynchronous polar’s synchronization time-scale is
given by

τs = Porb − Psp

Ṗ
. (5)

If one assumes rather unrealistically that Ṗ will remain constant
until resynchronization, this formula provides a very rough estimate
of when resynchronization will occur. If equation (3) is substituted
for Ṗ in equation (5), this equation simplifies to τ s = −k−1. Since
k is essentially a decay rate, this formula yields the amount of time
necessary for the initial value (in this context, the asynchronism at
T0, given by Pspin, 0 − Porb) to be reduced by a factor of e−1. Because
−k−1 = 237 700 spin cycles, τ s = 71.5 ± 0.4 years with respect to
2014 August, so in the year ∼2086, the predicted spin period would
be ∼12 128.8 s, fully 12.5 s longer than Porb. While this estimate
of τ s is obviously not an estimate of when resynchronization will
actually occur, it is slightly less than the values in Geckeler &
Staubert (1997) and Andronov et al. (2006) and considerably less
than Staubert et al. (2003).

It is unclear how long an exponential spin ephemeris might re-
main valid, but if ours were to hold true indefinitely, it predicts
that Psp will approach Porb to within 1 s in the year ∼2320 and to
within 0.1 s in ∼2750. These are not synchronization time-scales as
defined by Schmidt & Stockman (1991), but in the case of an expo-
nential ephemeris, they provide a more realistic manner of extrapo-
lating when the system might approach resynchronization. The in-
ferred ∼300-yr timespan necessary just to attain Psp − Porb < 1 sec-
onds is longer than the ∼100-yr time-scales in Geckeler & Staubert
(1997) and Andronov et al. (2006), but it is within the error bounds
of the ∼200-yr synchronization time-scale announced in Staubert
et al. (2003). An important disclaimer with these synchronization
time-scales is that the orbital period may be decreasing, as claimed
by both Bonnardeau (2012) and Boyd et al. (2014). Since V1432
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Figure 3. From left to right: the power spectrum of the timing residuals of the combined data set described in Section 4.2, and the waveform of the combined
data set when phased at the beat period. Black data points represent our data as listed in Table 1, while grey data points indicate previously published data as
described in Section 4.2.

Aql’s WD is spinning up, a decreasing orbital period would pre-
sumably lengthen the resynchronization time-scale.

If asynchronous polars do resynchronize asymptotically, it would
suggest that a number of supposedly synchronous polars are very
slightly asynchronous, with beat periods of months, years, or even
decades. Unless they were closely observed for extended periods of
time, these polars might be misclassified as being synchronous, so
the true fraction of polars which are asynchronous might actually
be higher than is currently believed. If correct, this result would
be relevant in any examination of the problem of the unreasonably
short nova-recurrence time in polars (Warner 2002). On one hand,
a greater proportion of polars which are asynchronous would imply
an even faster recurrence time, but on the other hand, an asymptotic
approach to synchronism would also prolong the resynchronization
process – and thus, the recurrence time. We leave it to a future work
to more fully explicate these matters, but clearly, it will be important
to independently confirm our exponential ephemeris, to resolve the
possibility of an orbital-period derivative in V1432 Aql, and to
determine if the other asynchronous systems also show evidence of
asymptotic resynchronization.

4.2 Variations in eclipse O−C

4.2.1 Periodicity

In a conference abstract, Geckeler & Staubert (1999) first reported
the discovery of a 200-s O−C shift in V1432 Aql’s eclipse timings.
We followed up on this periodicity by performing an O−C analysis
on all eclipse timings listed in Table 1. We calculated both the O−C
timing residual and the beat cycle count (Cbeat; see Appendix A)
for each eclipse and then used the analysis-of-variance (ANOVA)
technique (Schwarzenberg-Czerny 1996) to generate several peri-
odograms, with Cbeat serving as the abscissa.

The first periodogram used all of the eclipse timings reported in
Table 1, and it showed a moderately strong signal at 1.00 ± 0.02
cycles per beat period, with the folded eclipse timings exhibiting a
sawtooth waveform. We then recalculated the power spectrum after
adding previously published optical eclipse timings by Patterson
et al. (1995) and Watson et al. (1995) to the data set.

The combined data set consists of 133 measurements spanning a
total of 138 beat cycles. The strongest signal is at the beat period
(1.001 ± 0.002 cycles per beat period), and its waveform consists of

an abrupt 240-s shift in the timing variations near φbeat ∼ 0.5, which
is when the residual eclipse flux is strongest (see Section 4.3.1).
Both the periodogram and waveform are shown in Fig. 3. Be-
tween ∼0.5 < φbeat < ∼0.85, the eclipses occur ∼120 s early,
but after φbeat ∼ 0.85, the eclipses begin occurring later, and by
φbeat ∼ 1.0, the eclipses are occurring ∼120 s late. Although the
240-s O−C jump at φbeat ∼ 0.5 is the most obvious feature in
the O−C plot, there is a 120-s jump towards earlier eclipses at
φbeat ∼ 0.0. Considering the gradual eclipse ingresses and egresses,
the WD must be surrounded by an extended emission region, so
these eclipse timings track the centroid of emission rather than the
actual position of the WD.

4.2.2 Description of model

Given the asynchronous nature of the system and the ability of
the stream to travel most of the way around the WD (Mukai et al.
2003), we hypothesize that cyclical changes in the location of the
threading region are responsible for the O−C variation. In an asyn-
chronous system, the position of the threading region can vary be-
cause the WD rotates with respect to the accretion stream, causing
the amount of magnetic pressure at a given point along the stream
to vary during the beat period. Threading occurs when the magnetic
pressure (∝r−6) balances the stream’s ram pressure (∝v2). For a
magnetic dipole, the magnetic flux density B has a radial depen-
dence of ∝r−3, but with an additional dependence on the magnetic
latitude; the magnetic pressure will be even greater by a factor of
4 near a magnetic pole as opposed to the magnetic equator. An ad-
ditional consideration is that the stream’s diameter is large enough
that the magnetic pressure varies appreciably across the stream’s
cross-section (Mukai 1988).

KM modelled this scenario using a program which predicts times
of eclipse ingresses and egresses of a point given its x, y, and z

coordinates within the corotating frame of the binary. The physical
parameters used in the program are Porb = 3.36 5664 h (measured),
MWD = 0.88 M�, Mdonor = 0.31 M�, Rdonor = 2.47 × 1010 cm,
i = 76.◦8, and binary separation a = 8.4 × 1010 cm (Mukai et al.
2003). The code treats the donor star as a sphere for simplicity, but
since we do not attempt to comprehensively model the system in
this paper, the errors introduced by this approximation should be
minimal. For instance, as a result of this approximation, we had to
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Figure 4. A schematic diagram of the system as used in our model, viewed
from above the binary rest frame. The WD is rest at the origin, and the black
curved line is the accretion stream trajectory, which originates at the L1
point near the right edge of the diagram. P1, P2, P3, and P4 are illustrative
threading regions, and the cross indicates the location of the stream’s closest
approach to the WD. Since Psp > Porb, the WD rotates clockwise in this
figure.

decrease i by 0.◦9 compared to the value from Mukai et al. (2003)
in order to reproduce the observed eclipse length.

We first calculated the ballistic trajectory of the accretion stream
and arbitrarily selected four candidate threading regions along the
stream (P1, P2, P3, and P4) under the assumption that the stream
will follow its ballistic trajectory until captured by the magnetic
field (Mukai 1988). The eclipse-prediction program then returned
the phases of ingress and egress for each of the four points given
their x and y coordinates within the corotating frame of the binary.
We selected these four points arbitrarily in order to demonstrate
the effects that a changing threading region would have on eclipse
O−C timings; we do not claim that threading necessarily occurs at
these positions or that this process is confined to a discrete point in
the x, y plane. Fig. 4 shows a schematic diagram of this model.

Once threading occurs, the captured material will follow the
WD’s magnetic field lines until it accretes on to the WD. To simu-
late the magnetically channelled portion of the stream, we assumed
that captured material travels in a straight line in the x, y plane from
the threading region to the WD while curving in the z direction,
where z is the elevation above or below the x, y plane. This is an-
other simplification since the magnetic portion of the stream might
be curved in the x, y plane, but presumably, this approximation is
reasonable. Since the magnetic field lines will lift the captured ma-
terial out of the orbital plane, we calculated the x, y coordinates
of the mid-point between each threading region and the WD and
computed its ingress and egress phases at several different values
of z. We reiterate that this is not a comprehensive model, but as we
explain shortly, it is sufficiently robust to offer an explanation for
the observed O−C variations.

4.2.3 Orientation of the poles

Before this model is applied to the observations, it is helpful to
determine the orientations of the poles at different points in the
beat cycle. We assume that there are two magnetic poles which are
roughly opposite each other on the WD (Mukai et al. 2003). Since
i �= 90◦, one hemisphere of the WD is preferentially tilted towards
Earth, and we refer to the magnetic pole in that hemisphere as the
upper pole. The lower pole is the magnetic pole in the hemisphere
which is less favourably viewed from Earth. In isolation, our obser-
vations do not unambiguously distinguish between these two poles,
but since the mid-point of the spin minimum (i.e., φsp = 0.0) corre-
sponds with the transit of the accretion region across the meridian
of the WD (e.g. Staubert et al. 2003), we can estimate when the
poles face the donor star. When φbeat ∼ 0.15, the spin minimum co-
incides with the orbital eclipse, so one of the poles is approximately
oriented towards the secondary at that beat phase. At φbeat ∼ 0.65,
the spin minimum occurs at an orbital phase of ∼0.5, indicating
that this pole is roughly facing the P3 region at that beat phase. But
the question remains: Is this the upper pole, or the lower one?

Mukai et al. (2003) differentiated between the upper and lower
poles (see their fig. 15 and the accompanying text) by examining
X-ray observations of eclipse ingresses and egresses. While the
accretion spots have not been identified in optical photometry, they
are the system’s dominant X-ray sources, so they produce steep,
rapid X-ray eclipses (Mukai et al. 2003). The authors took advantage
of the fact that since Psp > Porb, the accretion spots will increasingly
lag behind the orbital motion of the donor star with each subsequent
orbit. Consequently, the orientation of the accretion regions with
respect to the donor star will continuously change across the beat
cycle. When viewed throughout the beat period at the phase of
eclipse, the accretion spots appear to slowly move across the face of
the WD, thereby causing detectable changes in the times of X-ray
ingress and egress.

Critically, at some point during the beat cycle, each accretion
region will have rotated out of view at the phase of eclipse, resulting
in a jump in either the ingress or egress timings, depending on which
pole has disappeared. The Mukai et al. (2003) model predicts that
when the upper pole is aimed in the general direction of P4, the
X-ray egresses will undergo a shift to later phases as the upper
polecap rotates behind the left limb of the WD as seen at egress (see
their fig. 15). Likewise, the disappearance of the lower pole behind
the left limb at the phase of ingress results in a shift towards later
phases in the ingress timings. Based on data in table 5 of Mukai
et al. (2003), the egress jump occurs near φbeat ∼ 0.9, so at that beat
phase, the upper pole should be pointed towards the P3–P4 region.
The egress jump is more distinct than the ingress jump, so we base
our identification of the poles on the egress jump only.

Our identification of the upper and lower poles is an inference
and should not be viewed as one of this work’s definitive claims.
For our method to be reliable, it would be necessary for the accre-
tion geometry to repeat itself almost perfectly in both 1998 (when
Mukai et al. 2003 observed) and the 28-month span from 2012–
2014 when we observed V1432 Aql. Even though the accretion
geometry does seem to repeat itself on a time-scale of two decades
(see e.g. Section 4.4), this may not always be the case, as is ev-
idenced by an apparent discontinuity in the timings of the of the
spin minima in 2002 (Boyd et al. 2014). If the accretion rate during
our observations was different than it was in 1998, there would be
changes in the location and size of the X-ray-emitting accretion re-
gions (Mukai 1988). Moreover, Mukai et al. (2003) cautioned that
their model was a simplification because the accretion geometry
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Figure 5. A sketch indicating the general positions of the accretion spots at different beat phases as seen from the donor star. The black crosses represent
accretion spots visible from the donor, and the vertical line is the WD’s spin axis. Section 4.2.3 explains how we inferred the positions of the two magnetic
poles.

was poorly constrained. For example, they noted that their model
did not account for the offset between the accretion region and the
corresponding magnetic pole.

If the upper pole is aimed towards P3–P4 near φbeat ∼ 0.9, then
the upper pole would face the donor at φbeat ∼ 0.65 since the WD
appears to rotate clockwise as seen from the donor. Thus, the lower
pole is likely pointed in the general direction of the donor star near
φbeat ∼ 0.15. We provide a sketch of the system in Fig. 5 which
shows the inferred positions of the polecaps throughout the beat
cycle.

4.2.4 Application of model

Even though the four P points were arbitrarily selected, the results
of the eclipse-timing program provide testable predictions concern-
ing the O−C variations. In our model, the light from the accretion
curtain and the threading region produces an emission region whose
centroid changes during the beat cycle, resulting in an O−C shift
with a half-amplitude of about ±120 s (see Fig. 3). When this cen-
troid is in the +y region in Fig. 4, the O−C would be positive, and
when it is in the −y half of the plot, the O−C would be negative.
According to this model, eclipses of point sources at P1, P2, P3, and
P4 would result in O−C values of 289, 204, 0, and −533 s, respec-
tively. As for the mid-points between each of those four points and
the WD, the O−C values would be 122, 103, 0, and −289 s for the
P1, P2, P3, and P4 mid-points, respectively. The O−C values for
the mid-points have a negligible dependence on the height above
the orbital plane (provided that the secondary can still eclipse that
point). Since the actual O−C variation does not exceed ±120 s, it is
clear that the actual O−C timings are inconsistent with a centroid
near P1, P2, and P4. However, centroids near the mid-points for P1,
P2, and P3 would be consistent with the observed O−C timings.

It makes sense that the centroid of the emission region would have
a less dramatic O−C value than the candidate threading points. Be-
cause we expect that the magnetically channelled part of the stream
travels from the threading region to the WD, the light from this
accretion curtain would shift the projected centroid of emission
towards the WD. In addition, since the threading region likely sub-
tends a wide azimuthal range, the ability of the projected centroid

to deviate dramatically from the WD’s position would be limited.
With these considerations in mind, the consistency of the theoretical
O−C values for the P1, P2, and P3 mid-points with the observed
O−C variations indicates that our model offers a plausible expla-
nation of the O−C timings.

The following scenario outlines a possible physical mechanism
which could cause these cyclical changes in the emission region’s lo-
cation. Immediately before the O−C jumps at φbeat ∼ 0.5 and ∼1.0,
the O−C value is ∼120 s, which indicates that threading is occur-
ring predominantly in the +y half of the model at these beat phases,
and based on Fig. 5, one pole faces the vicinity of P1–P2 while the
other points towards P3–P4. With the poles in this orientation, it
could be that there is enough magnetic pressure along the stream’s
trajectory in the +y region that the stream is mostly or entirely
captured before it can travel past P3, resulting in the late eclipses
before the O−C jumps. However, the clockwise rotation of the WD
in Fig. 4 would cause the pole oriented towards the P1–P2 region to
point to increasingly distant points along the stream’s ballistic tra-
jectory. Eventually, at the beat phase of an O−C jump, the magnetic
pressure exerted by the WD on the stream in the +y region might
become too low for significant threading to occur there. The stream
would then follow its trajectory until captured around P3–P4, result-
ing in the formation of a new threading region and accretion curtain
there which shifts the eclipses to earlier orbital phases. For the next
half of the beat cycle, the WD’s rotation would cause the thread-
ing region and its accretion curtain to migrate clockwise along the
stream’s trajectory towards P1; as a result, the eclipses of this emis-
sion region would gradually occur at later orbital phases, producing
the observed increase in O−C as the system approaches either of
its two O−C jumps. Finally, a half beat cycle after the previous
O−C jump, the predominant threading region would again shift
from P1–P2 to P3–P4, and the next O−C jump would be observed.
While this scenario is conjectural and does not offer an immediate
explanation for the unequal amplitudes of the O−C jumps, it does
predict the two distinct jumps from late to early eclipses as well as
the gradual increase in O−C in the beat phases leading up to an
O−C jump.

Our observations provide circumstantial evidence of the brief,
simultaneous presence of two separate emission regions as the
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system undergoes its O−C jump near φbeat ∼ 0.5 during one beat cy-
cle in 2014 July. On JD 2456842, less than one day before the O−C
jump, the time of minimum eclipse flux had an O−C of ∼140 s,
but on the very next night, there were two distinct minima within
the same eclipse. Separated by a prominent increase in brightness,
one minimum had an O−C of −80 s, while the other had an O−C
of 240 s, consistent with the presence of discrete emission regions
in the −y and +y halves of the plot in Fig. 4. Moreover, assuming
a WD eclipse duration of 700 s (Mukai et al. 2003) centred upon
orbital phase 0.0, the optical eclipse on the first night commenced
when the donor occulted the WD, implying a lack of emission in
the −y region. However, the egress of that eclipse continued well
after the reappearance of the WD, as one would expect if there were
considerable emission in the +y area. Indeed, a centroid of emis-
sion near the P1 mid-point would account for the observed O−C
value. On the ensuing night, by contrast, the eclipse began before
the disappearance of the WD, and ended almost exactly when the
WD reappeared. The implication of these two light curves is that
within a 24-h span between φbeat ∼ 0.47–0.48, the locations of the
emission regions changed dramatically. Fig. 6 shows these light
curves and indicates in both of them the times of anticipated WD
ingress and egress. Further observations are necessary to determine
whether this behaviour recurs during each beat cycle.

4.2.5 Implications of findings

Our hypothesis that the location of the threading radius is variable
has ramifications for previous works. In particular, Geckeler &
Staubert (1997) and Staubert et al. (2003) used the timing residuals
of the spin minima to track the accretion spot as it traced an ellipse
around one of the magnetic poles. One of their assumptions was
that the threading radius is constant, but this is inconsistent with
the conclusions we infer from our observations and model of the
system. A variable threading radius would change the size and shape
of the path of the accretion spot (Mukai 1988) – and therefore, of
the waveform of the spin minima timings used in those studies to
constrain the accretion geometry.

Additionally, the agreement between the model and our obser-
vations provides compelling evidence which substantiates previous
claims (see Section 1) that the accretion stream in V1432 Aql is
able to travel around the WD, as is also observed in the other asyn-
chronous polars. The inefficient threading in asynchronous systems
could be indicative of a relatively weak magnetic field or a high
mass-transfer rate. For example, Schwarz et al. (2005) found that
if the accretion rate in the asynchronous polar BY Cam were 10–
20 times higher than normal accretion rates in polars, the stream
could punch deeply enough into the WD’s magnetosphere to re-
produce the observed azimuthal extent of the accretion curtain. Al-
though it is at least conceivable that the asynchronism itself causes
the inefficient threading, it is not immediately apparent why this
would be so when Psp and Porb are so close to each other.

Regarding the possibility of a high mass-transfer rate, previous
works (e.g. Kovetz, Prialnik & Shara 1988) have proposed that irra-
diation by a nova can temporarily induce an elevated mass-transfer
rate which persists for many decades after the eruption has ended.
In line with this theory, Patterson et al. (2013) proposed that CVs
with consistently elevated mass-transfer rates – specifically, nova-
like and ER UMa systems – exist fleetingly while the donor star
cools after having been extensively irradiated by a nova. If all asyn-
chronous polars are recent novae, as is commonly believed, this
theory would predict that the same nova which desynchronizes the
system also triggers a sustained, heightened mass-transfer rate as

Figure 6. Two eclipses observed on consecutive nights with the 80-cm
Krizmanich Telescope at a cadence of 10 s per image. Panel A overlays both
eclipses to emphasize the dramatic night-to-night variation; the first night
(JD 2456842) is shown in black and the second (JD 2456843) in grey. The
vertical dashed lines indicate the expected phases of the WD’s ingress and
egress assuming an eclipse duration of 700 s (Mukai et al. 2003). On the
first night, the eclipse is very deep and begins with the WD’s disappearance,
but on the second night, the eclipse starts before the occultation of the WD.
These light curves are consistent with the appearance of a new threading
region near P3–P4 in our model, a supposition which, if correct, indicates
that this process requires less than 24 h to take place. Panel B replots the JD
2456843 eclipse using a different scale to better show the complex eclipse
morphology.

a result of irradiation. The increased ram pressure of the accretion
stream would enable it to penetrate deeply into the WD’s mag-
netosphere, thereby offering a plausible explanation as to why all
four confirmed asynchronous polars show strong observational ev-
idence of inefficient threading. However, this would not resolve the
problem of the short nova-recurrence time in polars (Warner 2002,
discussed in Section 1).

4.3 Variations in the residual eclipse flux

4.3.1 Periodicity

The WD is invisible during eclipse, leaving two possible causes
for the variation in residual eclipse flux: the donor star and the
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Figure 7. The power spectrum of the residual flux and a phase plot showing the waveform of the signal at the beat period. Spanning 11.8 beat cycles, these
plots use only the observations made with the 28-cm Notre Dame telescope. The double-wave sinusoid in the phase plot is meant to assist with visualizing the
data and does not represent an actual theoretical model of the system.

accretion stream. The magnetic field lines of the WD can carry cap-
tured material above the orbital plane of the system, so depending
on projection effects, some of the accretion flow could remain vis-
ible throughout the WD’s eclipse. Therefore, as the accretion flow
threads on to different magnetic field lines throughout the beat pe-
riod, the resulting variations in the accretion flow’s trajectory could
cause the residual eclipse flux to vary as a function of φbeat.

After we calculated the beat cycle count (Cbeat) for each eclipse
observation, we generated a power spectrum using the ANOVA
method with Cbeat as the abscissa and the minimum magnitude as
the ordinate. For this particular periodogram, we used only the 71
eclipses observed with the 28-cm Notre Dame telescope due to
the difficulty of combining unfiltered data obtained with different
equipment. The strongest signal in the resulting power spectrum has
a frequency of 0.998 ± 0.012 cycles per beat period. Fig. 7 shows
both the periodogram and the corresponding phase plot, with two
unequal maxima per beat cycle.

While a double-wave sinusoid provides an excellent overall fit
to the residual-flux variations, the observed mid-eclipse magnitude
deviated strongly from the double sinusoid near φbeat ∼ 0.47 in
at least three beat cycles.4 Two eclipses observed on consecutive
nights in high-cadence photometry with the 80-cm Krizmanich tele-
scope provide the best example of this variation. On JD 2456842,
the system plummeted to V ∼ 17.8 during an eclipse (φbeat = 0.469)
near the expected time of maximum residual flux. But just 24 h later,
the mid-eclipse magnitude had surged to V ∼ 16.2 (φbeat = 0.485),
which was the approximate brightness predicted by the double-
sinusoid fit. Furthermore, the eclipse light curve from the second
night exhibited intricate structure which had not been present dur-
ing the previous night’s eclipse. These light curves were shown in
Fig. 6. Comparably deep eclipses near φbeat ∼ 0.47 were observed
during two additional beat cycles (one in 2013 and another in 2014),
so there is at least some evidence that the residual flux might be con-
sistently lower near this beat phase. Unfortunately, gaps in our data
coverage make it impossible to ascertain whether the mid-eclipse

4 While there are sporadic departures from the double-sinusoid, none is as
dramatic as the behaviour near φbeat ∼ 0.47. For example, eclipses near
φbeat ∼ 0.2 are somewhat deeper than expected, but this deviation occurs
when the mid-eclipse brightness is predicted to be faint. By contrast, the
anomalously deep φbeat ∼ 0.47 eclipses occur when the residual eclipse flux
is predicted to be high.

magnitude always fluctuates near φbeat ∼ 0.47, so confirmation of
this enigmatic variation is necessary.

4.3.2 Application of model

We propose that the overall variation in mid-eclipse flux is the
signature of an accretion curtain whose vertical extent varies as a
function of the threading radius. Based on the inferred pole positions
discussed in Section 4.2.3, when the residual eclipse flux is lowest
near φbeat ∼ 0.25 and ∼0.75, the magnetic poles intersect the stream
near the region in which the stream makes its closest approach to the
WD. With most threading taking place deep within the WD’s mag-
netosphere (e.g. near P3), the accretion curtain has a relatively small
vertical extent and can be mostly or even entirely eclipsed, produc-
ing the deep eclipses observed near those beat phases. By contrast,
near φbeat ∼ 0.5 and ∼1.0, the poles are pointed towards relatively
distant points along the accretion stream’s ballistic trajectory. Any
material threaded at such distances is lifted to comparatively high al-
titudes above the orbital plane, preventing the donor star from fully
eclipsing the accretion curtain. The schematic diagram in Fig. 8
offers a visualization of this scenario.

While it is conceivable that the residual flux variation is caused by
material within the orbital plane, the available evidence disfavours
this possibility. In particular, Schmidt & Stockman (2001) saw no
diminution in the strength of high-excitation UV emission lines
during an eclipse with considerable residual flux at φbeat = 0.58. If
these emission lines originated within the orbital plane, they would
have faded during the eclipse. Furthermore, if the source of the
residual flux were in the orbital plane, the eclipse width would
likely correlate with the mid-eclipse magnitude. The eclipses with
high levels of residual flux would be long, while the deeper eclipses
would be short. We do not see this pattern in our data, and fig. 12
in Boyd et al. (2014) does not show such a correlation, either.

Our model from Section 4.2.2 predicts that the threading radius
will vary by a factor of ∼3.6 between P4 and the stream’s point of
closest approach to the WD. (We reiterate that since these points are
meant to be illustrative, this is not necessarily the actual variation
in the threading radius.) The upshot is that at P3, threading would
take place significantly deeper in the WD’s magnetosphere than it
would at P4. Moreover, since the predicted threading radius would
be largest near an O−C jump, this hypothesis predicts that the
amount of residual flux would be greatest near those jumps and
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Periodic eclipse variations in V1432 Aql 3117

Figure 8. Two schematic diagrams providing a simplified illustration of our
explanation for the residual flux variations at mid-eclipse. In both panels, the
captured material travels in both directions along an illustrative magnetic
field line. The secondary is the grey sphere eclipsing the WD, and the
threading point is shown as a large +. The inclination of the magnetic axis
with respect to the rotational axis was arbitrarily chosen as 30◦. The portion
of the magnetic stream which travels upward and which is visible at mid-
eclipse is highlighted. The threading point in Panel A is near P4, and its
threading radius is 3.6 times larger than that of the threading point in Panel
B, when the threading point is near the stream’s closest approach to the WD.

lowest between them, as is observed in a comparison of Figs 3 and 7.
In the case of a magnetic stream originating from a threading region
between P2–P4, the mid-point of the stream would be visible if it
achieves a minimum altitude of z ∼ 0.08a above the orbital plane,
where a is the binary separation. At P4, this is only one-quarter the
predicted threading radius, but at P2 and P3, this is three-quarters
of the predicted threading radius.

This hypothesis also explains why some spectra of V1432 Aql
during mid-eclipse show intense emission lines (e.g. Watson et al.
1995; Schmidt & Stockman 2001), while others show only weak
emission (e.g. Patterson et al. 1995). For each of these previously
published spectroscopic observations, we calculated φbeat and found
that the ones showing strong emission lines were obtained when the
predicted residual flux was near one of its maxima in Fig. 7. By
contrast, the spectra containing weak emission were obtained when
the expected residual flux was approaching one of its minima. If
our hypothesis is correct, then the variation in the emission lines is
simply the result of the changing visibility of the accretion curtain

during eclipse. Watson et al. (1995) suggested a somewhat related
scenario to account for the presence of emission lines throughout
the eclipse, but they disfavoured this possibility largely because of
the apparent residual flux at X-ray wavelengths.5

An excellent way to test our theory would be to obtain Doppler to-
mograms near the times of maximum and minimum residual eclipse
flux. Schwarz et al. (2005) showed that this technique is capable of
revealing the azimuthal extent of the accretion curtain in BY Cam,
and it would likely prove to be equally effective with V1432 Aql.

We do not have enough data to consider why the residual flux
can vary by as much as ∼1.5 mag in one day near the expected
time of maximum residual flux. Knowing whether the residual flux
is always low near φbeat = 0.47 would be a necessary first step in
this analysis.

4.4 The dependence of the spin modulation on beat phase

As the WD slowly spins with respect to the secondary, the accretion
stream will couple to different magnetic field lines, meaning that the
spin modulation will gradually change throughout the beat cycle.
To explore this variation, we constructed non-overlapping, binned
phase plots of the spin modulation in 10 equal segments of the beat
cycle (e.g. between 0.00 < φbeat < 0.10). As with the residual-
eclipse-flux measurements, we used only the data obtained with the
Notre Dame 28-cm telescope in order to avoid errors stemming from
the different unfiltered spectral responses of multiple telescope–
CCD combinations. In an effort to prevent eclipse observations from
contaminating the spin modulation, we excluded all observations
obtained between orbital phases 0.94 and 1.06. We then calculated
the beat phase for all remaining observations and used only those
observations which fell into the desired segment of the beat cycle.
We used a bin width of 0.01Psp, and we did not calculate bins if
they consisted of fewer than five individual observations.

Fig. 9 shows these 10 phase plots, and several features are particu-
larly striking. For example, the spin minimum near spin phase 0.0 is
highly variable. Conspicuous between 0.5 < φbeat < 1.0, it becomes
feeble and ill-defined for most of the other half of the beat cycle.
Sometimes, the spin minimum is quite smooth and symmetric, as it
is between 0.7 < φbeat < 0.8, but it is highly asymmetric in other
parts of the beat cycle, such as 0.5 < φbeat < 0.6. Additionally, there
is a striking difference between the phase plots immediately before
and after the O−C jump near φbeat ∼ 0.5, as one would expect if
the O−C jump marks a drastic change in the accretion geometry.

There is also a stable photometric maximum near spin phase ∼0.6
which is visible for most of the beat cycle, though its strength is
quite variable. We refer to this feature as the primary spin maximum,
but it is not as prominent as the spin minimum. Its behaviour is
unremarkable.

Interestingly, there is another, much stronger photometric maxi-
mum at φsp ∼ 0.4 which is visible only between 0.0 < φbeat < 0.5.
Since this feature shares the WD’s spin period, we refer to it as
the second spin maximum. The second spin maximum can be ex-
ceptionally prominent in photometry, attaining a peak brightness of
V ∼ 14.1 in several of our light curves – which is the brightest that
we have observed V1432 Aql to be. When visible, the second spin
maximum precedes the primary spin maximum by ∼0.2 phase units.
It begins to emerge near φbeat ∼ 0.0, and gradually strengthens until
it peaks between 0.2 < φbeat < 0.3. It then weakens considerably as

5 As previously mentioned, Mukai et al. (2003) later demonstrated that the
residual X-ray flux was contamination from a nearby galaxy.
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Figure 9. Binned phase plots of the spin modulation at different beat phases, with each bin representing 0.01 spin cycles. Gaps in the light curves are due to
eclipses. The second spin maximum (φsp ∼ 0.4) is strongest in panel C.
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φbeat approaches 0.5, and after the O−C jump near φbeat ∼ 0.5, the
second spin maximum is replaced by a dip in the light curve.

Although the second spin maximum consistently appears be-
tween 0.0 < φbeat < 0.5, it vanished in a matter of hours on
JD 2456842 (φbeat ∼ 0.47), only to reappear the next night. On
the first night, our observations covered two spin cycles, and while
the second spin maximum was obvious in the first cycle, it had dis-
appeared by the second. Just 24 h later, it was again visible in two
successive spin cycles. This unexpected behaviour coincides with
the approximate beat phase at which we would expect the dominant
threading region to shift to the P3–P4 region in our model. Never-
theless, our lack of observations near this beat phase precludes a
more rigorous examination of this particular variation.

The second spin maximum is very apparent in some previously
published light curves of V1432 Aql from as far back as two decades
ago. For example, Watson et al. (1995) presented light curves of
V1432 Aql obtained in 1993 which showcase the gradual growth of
the second spin maximum (see Panels B–G of their fig. 2). Using
our method of determining the beat phase, we extrapolate a beat
phase of 0.96 for the light curve shown in their Panel B and a beat
phase of 0.12 for the light curve in their Panel G. The increasing
strength of the second spin maximum in their light curves agrees
with the behaviour that we observed at those beat phases (see our
Fig. 9). Likewise, fig. 1 in Patterson et al. (1995) shows the second
spin maximum at the expected beat phases. These considerations
suggest that the second spin maximum is a stable, recurring feature
in optical photometry of V1432 Aql.

The overall predictability of the second spin maximum does not
answer the more fundamental question of what causes it. One possi-
bility is that it is the result of an elevated accretion rate on one pole
for half of the beat cycle. The apparent gap between the two spin
maxima, therefore, might simply be the consequence of an absorp-
tion dip superimposed on the photometric maximum or a cyclotron
beaming effect, splitting the spin maximum into two.

A more interesting scenario is that the second spin maximum
could be the optical counterpart to the possible third polecap de-
tected by Rana et al. (2005) in X-ray and polarimetric data. In that
study, Rana et al. (2005) detected three distinct maxima in X-ray
light curves as well as negative circular polarization at spin phase
0.45, which is the approximate spin phase of the second spin max-
imum in optical photometry. They also measured positive circular
polarization at spin phases 0.1 and 0.7, which correspond with
the spin minimum and the primary spin maximum, respectively.
Quite fortuitously, the authors obtained their polarimetric observa-
tions within several days of the photometric detection of the second
spin maximum by Patterson et al. (1995). Thus, it is reasonable
to conclude that the circular polarization feature near spin phase
0.45 is related to the second spin maximum, consistent with a third
accreting polecap.

The conclusions of Rana et al. (2005), coupled with our identi-
fication of a second spin maximum, suggest that V1432 Aql might
have at least three accreting polecaps – and therefore, a complex
magnetic field. However, the available evidence is inconclusive,
and follow-up polarimetry across the beat cycle could clarify the
ambiguity concerning the WD’s magnetic field structure.

5 C O N C L U S I O N

We have presented the results of a two-year photometric study of
V1432 Aql’s beat cycle. We have confirmed and analysed the eclipse
O−C variations first reported by Geckeler & Staubert (1999), and
we found that the residual mid-eclipse flux is modulated at the sys-

tem’s beat period. We interpret these variations as evidence that the
accretion stream is captured in an extended threading region whose
position varies with the rotation of the WD within the binary rest
frame. According to our model of the system, the O−C variations
likely trace the motion of the threading region and its associated
accretion curtain along the accretion stream’s ballistic trajectory.
As an additional consequence of the threading region’s changing
location, we contend that the accretion curtain’s projected height
above the orbital plane also varies across the beat period, resulting
in the modulation of the mid-eclipse magnitude. When the accre-
tion stream is captured close to the WD, the accretion curtain would
be small and readily obscured by the donor, but when this process
occurs at a greater distance from the WD, the stream is lifted to
a great enough height that it is not entirely eclipsed by the donor.
Doppler tomography of the system at different beat phases could
reveal any changes in the location and azimuthal extent of the ac-
cretion curtain, thereby providing a direct observational test of our
model of the system.

Our observations provide circumstantial evidence that the mid-
eclipse magnitude undergoes high-amplitude variations on a time-
scale of less than a day near φbeat ∼ 0.47, deviating strongly from the
expected brightness at that beat phase. In the most remarkable exam-
ple of this variation, the mid-eclipse magnitude varied by ∼1.5 mag
in two eclipses observed just 24 h apart. Whereas the first eclipse was
deep and smooth, the second eclipse was shallow and W-shaped,
with two distinct minima. Similar variations in residual flux were
observed in two other beat cycles, providing at least some evidence
that this behaviour might be recurrent. Still, additional photometric
observations are necessary to confirm the φbeat ∼ 0.47 fluctuations
in mid-eclipse magnitude. Amateur astronomers are ideally suited
to undertake such an investigation, especially when one considers
that our residual-flux analysis utilized a small telescope and com-
mercially available CCD camera. Moreover, observers with larger
telescopes could also obtain relatively high-cadence photometry to
study whether double-minima eclipses consistently appear near this
beat phase.

In addition, we report a second photometric spin maximum which
appears for only about half of the beat cycle. This phenomenon
might be evidence of a complex magnetic field, but a careful po-
larimetric study of the beat cycle would be necessary to investigate
this possibility in additional detail.

We also offer updated ephemerides of the orbital and spin periods
(see Sec. 4.1), as well as a PYTHON script which calculates V1432
Aql’s beat phase at a given time and which also predicts when
the system will reach a user-specified beat phase. An exponential
spin ephemeris models the data as well as a polynomial ephemeris
and is consistent with an asymptotic approach of the spin period
towards the orbital period. According to the exponential ephemeris,
the rate of change of the spin period is proportional to the level
of asynchronism in the system; consequently, if the exponential
ephemeris were to remain valid indefinitely, the resynchronization
process in V1432 Aql would take considerably longer than previous
estimates.

Finally, while a comprehensive theoretical model of V1432 Aql
is beyond the scope of this paper, such an analysis could refine our
description of the system and shed additional light on V1432 Aql’s
unusual threading mechanisms.
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APPENDI X A : D ETERMI NI NG
THE BEAT PHASE

The spin-orbit beat cycle is the key to making sense of V1432 Aql’s
behaviour. To calculate the beat phase (φbeat) of an observation is
to determine the relative orientation of the WD’s magnetic field at
that time. However, since the WD spin period is variable, the beat
period (Pbeat) changes, too. For example, Patterson et al. (1995)
measured Psp = 12 150 s, leading to a Pbeat ∼50 d. But by 2013,
the spin period had decreased, leading to a beat period of ∼62 d.
This appendix outlines the procedure that we employ in our PYTHON

script to calculate φbeat given the time of observation (T).
Since Pbeat is given by

P −1
beat = |P −1

orb − P −1
sp |, (A1)

one solution is to determine the average length of the spin period
(P̄sp) between T and T0. The first step in determining P̄sp is to
differentiate the cubic spin ephemeris from Section 4.1 with respect
to the spin epoch Esp, yielding a formula for the instantaneous spin
period. P̄sp is given by

P̄sp = 1

ET

∫ ET

0

(
P0 + ṖEsp + 1

2
P̈E2

sp

)
dE, (A2)

where ET is the number of spin cycles between T and T0. ET, in
turn, is found by applying the cubic formula to the spin ephemeris
in order to express E as a function of T.

Once known, P̄sp may be used in conjunction with Porb in equa-
tion (A1) to determine the average length of the beat period (P̄beat)
between T and T0. Thus, the number of beat cycles since T0 is

Cbeat = T − T0

P̄beat
, (A3)

the decimal portion of which is φbeat. In our beat-phase calculations,
we arbitrarily selected T0 = 2449 638.3278 from our cubic spin
ephemeris, so at φbeat = 0.0, the spin phase is 0.0 and the orbital
phase is 0.86.

S U P P O RT I N G IN F O R M AT I O N

Additional Supporting Information may be found in the online ver-
sion of this article:

V1432_Aql_python_Code.py (http://mnras.oxfordjournals.org/
lookup/suppl/doi:10.1093/mnras/stv462/-/DC1).

Please note: Oxford University Press are not responsible for the
content or functionality of any supporting materials supplied by
the authors. Any queries (other than missing material) should be
directed to the corresponding author for the article.
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